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Abstract
Recently discovered bursts of gravitational waves provide a good opportunity to verify the current view
on the evolution of close binary stars. Modern population synthesis computer programs help to study
this evolution from two main sequence stars up to the formation of compact remnants. To calculate
the evolution of predecessors of black hole (BH) mergers we used the “Scenario Machine” code. The
scenario modelling allowed to describe the evolution of systems for which the final stage is a BH+BH
merger and showed the plausibility of modern evolutionary scenarios for binary stars and population
synthesis models based on it. We discuss possible values of spins in BH mergers, and give arguments
in favour of different values of spins of BH components in BH mergers (low spin + low spin, low spin
+ high spin, high spin + high spin). We predict that ≥ 50% BH mergers originated through isolated
binary evolution should possess spins of both BHs close to zero (low spin + low spin). Up to ≈10% of
BH mergers are able to consist of two BHs with spins close to one (high spin + high spin), predecessors
of such binaries could be sources of two gamma ray bursts. The BH with the spin close to one could be
formed as the result of the merger of two BHs formed via the collapse of a fast rotating star accompanied
with a long gamma ray burst and/or a gravitational wave burst with smaller power in comparison with
the merger of two BH remnants of binary components.
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1 INTRODUCTION
The merger rate of compact remnants of the
evolution of binary stars was studied in nu-
merous investigations, e.g. Lipunov et al. (1987);
Phinney (1991); Tutukov & Yungelson (1993, 1994);
Lipunov et al. (1997a,b,c); Nutzman et al. (2004);
de Mink & Belczynski (2015). At the moment of
writing this manuscript there are five reliably detected
mergers of binary black holes and one merger of
a binary neutron star (GW170817, Abbott et al.,
2017c). Data about masses and spins of black hole
mergers are collected in Table 1. Low BH spin values
in four of five detected mergers and BH masses in
mergers higher than BH masses in high mass X-ray
binaries inspire searches of alternative ways of black
hole mergers origin, e.g. mergers of primordial black
holes (Blinnikov et al., 2016), a dynamical evolution
of multiple stars (Antonini et al., 2016), a chemically
homogeneous evolution (de Mink & Mandel, 2016),
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dynamical processes in star clusters (Rodriguez et al.,
2016), selection effects and the accretion of gas and
dust in a molecular cloud through which the binary
black hole travels (Tutukov & Cherepashchuk, 2017).
For the isolated binary evolution scenarios the low
metallicity of preceding stars in binary evolution model
was proposed (Woosley, 2016; Belczynski et al., 2016;
Tutukov & Cherepashchuk, 2017).
The aim of this investigation is to study a possible
distribution of merging black holes (originated in the
course of the isolated binary evolution) on their spins.
For this purpose we review the rotational evolution of
stellar nuclei and probable rotational rates of final rem-
nants of this evolution: white dwarfs (WDs), neutron
stars (NSs) and black holes (BHs). It was understood
long time ago that the formation of a dense nucleus in-
side an evolving star may lead to a rapidly rotating final
remnant, and up to now it remains uncertain whether
they can get critical rotation that can lead them to
split and to radiate gravitational waves (Tutukov, 1969;
D’Orazio & Loeb, 2018). The latter scenario for BHs is
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under discussion until now (Postnov & Kuranov, 2017;
Qin et al., 2018). The contraction of the stellar core in
the course of its evolution up to a factor ∼ 105 for nuclei
forming BHs has to lead to a large acceleration of their
rotation according to the rotational momentum conser-
vation law. But non-avoidable ties of the contracting
core with the expanding envelope should break down
the rotation of the contracting core. The efficiency of
such braking force remains unclear. In this paper we
discussed several simple observational and theoretical
estimates about the efficiency of the core braking by
the expanding envelope.
2 ROTATION OF FINAL REMNANTS OF
SINGLE STARS
The evolution of stars is well studied from observational
and theoretical points of view (Masevich & Tutukov,
1988; Bisnovatyi-Kogan, 2011; Cherepashchuk, 2013;
Iben, 2013). In a simple general scheme it looks as fol-
lowing. The evolution of dense rotating clouds of gas
and dust in the course of the collapse leads to the for-
mation of stars with masses 0.1 − 150M⊙. The birth
frequency of young stars in the Milky Way galaxy is
dν =M−2.35dM per year, where M is the mass in M⊙.
The evolution of single stars and components of wide
binaries with masses 0.8 − 10M⊙ ends as degenerate
dwarfs. Stars with masses 10− 25M⊙ give NSs as rem-
nants. More massive stars produce BHs (however, see
Sukhbold et al. (2016), who showed that BHs may form
from less massive stars, and NSs can form from more
massive stars).
An analysis of observed rotational periods of ≈ 12000
main-sequence stars in the Kepler field of view divides
them in two groups (Nielsen et al., 2013): O-A fast ro-
tators (with periods of the axial rotation Pax ≈ 2
days), and slow rotators (G-M stars, Pax ≈ 15 days). A
magnetic stellar wind is a possible breaker of the rota-
tion of low mass main-sequence stars (Skumanich, 1972;
Iben & Tutukov, 1984).
Observed rotational periods of WDs have a significant
dispersion in the range 0.1 − 10 days (Kawaler, 2015)
with a usual value of the period about one day (Spruit,
1998). It is close to the axial rotation period of massive
main-sequence stars and about ten times shorter than
the rotational period of low mass stars (0.8 − 1.5M⊙).
Observed rotational periods of the most young radio
pulsars associated with supernova remnants are in the
range 0.03 − 1 seconds (Popov & Turolla, 2012). The
rotation of stellar BHs in close binaries can approach
to the critical value (e.g., Batta et al., 2017), whereas
rotational periods of single BHs remain unknown.
Rotational periods of main-sequence stars and their
products in the forms of WDs and NSs can be compared.
The aim of this comparison is to estimate the rotation
rate and the acceleration efficiency of the core contrac-
tion in the course of stellar evolution with the brak-
ing efficiency of the stellar envelope expansion. We take
here the core and the envelope as rigidly rotating bod-
ies rotating independently. For the first approximation
one can assume here (following the angular momentum
conservation law) the rotational period
Prot ∼ R
2
∼ ρ−
2
3 , (1)
where R is the radius of the core that forms the rem-
nant, ρ is the average density of the core. Such simple
method is now applied in quite unclear situation with
the evolution of rotation of stellar nuclei. Thus, for the
rotational period of WDs, if the stellar core conserves
its angular momentum, we shall get Pmin ≃ 10
−4 days
if the main-sequence predecessor’s mass was more than
≈ 1.5M⊙ and ∼ 10
−3 days if it is lower. Both values are
low in comparison to observed values (Kawaler, 2015),
the expected rotation is too fast in such case.
WDs are forming by red supergiants with radii ∼
103R⊙. If the white dwarf’s core rotates as its extended
envelope the rotational period of the dwarf should be
Pmax = 10
5 days, it is evidently inappropriate value.
So, the rotation of the contracting core of the star is de-
celerated by the expanding envelope to an intermediate
rotational rate. It is interesting that observed values of
periods of the axial rotation of degenerate dwarfs have
practically the same order of magnitude as the “loga-
rithmic” (“geometrical”) average
Pobs =
√
PminPmax ≈ 10 days. (2)
The same estimations of rotational periods for NSs
give Pmin = 10
−6 and Pmax = 10
4 days. The geometri-
cal average for these limits is about 30 seconds, that is
one order of magnitude longer than the observed values
0.03− 0.5 sec (Popov & Turolla, 2012). Similar estima-
tions for stellar mass BHs produced by single stars and
by components of wide binaries yield Pmin = 10
−6 sec.
To estimate Pmax for BHs one should have in mind
that stars with masses above ∼ 30M⊙ can have in-
tense stellar wind and their radii remain below several
radii of main-sequence stars with the same masses. So,
Pmax = 10 days, the geometrical average of the rota-
tional period is ≃ 1 sec.
We can conclude that the acceleration of rotation
of contracting nuclei is significantly broken by expand-
ing envelopes, the observed rotational velocity of single
WDs and NSs are far from limits Pmin and Pmax that we
estimated above1. Kerr parameters calculated for young
NSs in supernova remnants (see Figure 1) are close to
zero in most cases, it also tells us that the rotation of
pre-supernova cores is far from the critical value. Close
1For example, the helium core of the red-giant KIC 4448777
rotates almost rigidly and ≈ 6 times faster than its convective
envelope (Di Mauro et al., 2018).
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Table 1 Registered BH+BHmergers.MBH1 andMBH2 are masses of merging BHs inM⊙,K1 andK2 are their dimensionless
spin magnitudes, χeff is an effective inspiral spin parameter.
Name MBH1 MBH2 K1 K2 χeff References
GW150914 36+5
−4 29± 4 0.32
+0.49
−0.29 0.44
+0.5
−0.4 −0.07
+0.16
−0.17 Abbott et al. (2016a,b)
GW151226 14.2+8.3
−3.7 7.5± 2.3 ?
a ?a ≈ 0.22 Abbott et al. (2016c)
GW170104 31.2+8.4
−6 19.4
+5.3
−5.9 ? ? −0.12
+0.21
−0.3 Abbott et al. (2017a)
GW170608 12+7
−2 7± 2 ? ? 0.07
+0.23
−0.09 Abbott et al. (2017d)
GW170814 30.5+5.7
−3 25.3
2.8
−4.2 ? ? 0.06± 0.12 Abbott et al. (2017b)
aAt least one of the black holes before merger had spin greater than 0.2 (Abbott et al., 2016c).
Figure 1. A distribution of young NSs in supernovae remnants
on the effective Kerr parameter according to Equation 8. Initial
spin periods of NSs were taken from Table 2 in Popov & Turolla
(2012), if they were unknown we used current period values from
the same table. Following assumptions were used to calculate
Keff : kI=0.4 (a homogeneous ball), masses and radii of NSs were
taken to be 1.4M⊙ and 10 km respectively.
companions can significantly limit the evolutionary ex-
pansion of a star decreasing the braking efficiency of
the expansion of envelopes of stars. This can be one of
reasons of high rotational rates of close binary compo-
nents. Red supergiants that precede the formation of
degenerate dwarfs and NSs should have a strongly non-
uniform rotation, their nuclei rotate many times faster
than envelopes of such stars. Our treatment based on
observational constraints is in some features similar to
conclusions by Aerts et al. (2018).
3 BH MASSES
The connection between the initial mass of a main-
sequence star and the mass of its BH remnant is still
uncertain, observational arguments are pure. The model
study of the evolution of massive stars depends on
the input physics of uncertain mass loss, the final BH
mass is also a function of the supernova explosion pro-
cess, that is a function of several unknown parameters.
As a first approximation we can admit here that the
mass of a newborn BH is close to the mass of the
carbon-oxygen core of a massive star at the moment
of the collapse of its iron core. The collapse of the
iron core of a massive (25M⊙ − 140M⊙) star is a re-
sult of the iron decomposition into alpha particles if
the temperature of the stellar core exceeds ∼ 5 · 109 K
(Masevich & Tutukov, 1988; Ohkubo et al., 2009). The
mass of the carbon-oxygen core according to numerical
models (Masevich & Tutukov, 1988; Heger & Woosley,
2010) can be presented by the relation:
MCO
M⊙
= 0.05
(
Minit
M⊙
)1.4
, (3)
where Minit is the initial mass of the main-sequence
star. The mass of the helium remnant (a Wolf-Rayet
star) of a massive component of a close binary is
(Masevich & Tutukov, 1988):
MHe
M⊙
= 0.1
(
Minit
M⊙
)1.4
, (4)
The minimal mass of a stellar mass BH according
to Equation (3) is about 4.5M⊙ if the initial main-
sequence mass of the star was 25M⊙. The maximum
mass is about 55M⊙ if the initial main-sequence mass
of the star was 150M⊙. This interval covers the ob-
served interval of stellar mass BHs in X-ray binaries
and in LIGO GW events. Combining Equation (3) and
Salpeter mass function we can find that the mass func-
tion of stellar BHs is
dNBH = 0.04
(
M⊙
MBH
)2
dMBH
M⊙
per year. (5)
The total frequency of BH formation in the Galaxy
is about 0.007 per year and the mass formation rate is
about 0.015M⊙ per year. Therefore about 7% of all mat-
ter that forms the stars finally should be transformed
into stellar mass BHs. In general such distribution of
BHs can be corrected if BHs may form from less mas-
sive stars than 25M⊙, and NSs are able to form from
more massive stars (Sukhbold et al., 2016), and in close
binaries the accretion induced collapse can lead to the
formation of a BH from a NS, see e. g. Bogomazov et al.
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(2005a). For these statements we do not take into ac-
count that there is a possibility for the existence of stars
with masses higher than 150M⊙ (Popescu & Hanson,
2014). Also the mass distribution of stars can be dif-
ferent in comparison with the Salpeter mass function
(Kroupa, 2001).
4 NECESSITY OF A COMMON
ENVELOPE TO GET A COMPACT
PRE-SUPERNOVA BINARY
Radius of massive main-sequence star can be presented
by the relation (Masevich & Tutukov, 1988):
RMS
R⊙
≃
(
MHe
M⊙
)2/3
, (6)
and the radius of a helium star by equation
(Tutukov et al., 1973):
RHe
R⊙
≃ 0.2
(
MHe
M⊙
)0.6
. (7)
From Equation (3) follows that to explain the ex-
istence of a BH with mass ≈ 35M⊙ in GW150914
(Abbott et al., 2016a) the initial mass of the star has
to be ∼ 100M⊙. But massive stars M ≥ 30M⊙ poten-
tially can quickly lose its matter by a wind and avoid ex-
pansion (Masevich & Tutukov, 1988; Yusof et al., 2013;
Massey et al., 2017). Thus, a common envelope stage
that can move components close to each other was
probably absent for progenitors of most massive BHs.
Such binaries start from large separation and loose
matter, they cannot become more close and would
need too much time to merge. A possible way to ex-
plain the merger of a close pair of BHs is an assump-
tion about a low metal abundance, which leads to de-
crease of their wind intensity, see e.g. Belczynski et al.
(2016). Another possible way is a supposition about ini-
tially multiple system degrading during decay to a very
close binary, e.g. Antonini et al. (2016). Nevertheless,
Bogomazov et al. (2018) showed that it is possible to
produce a massive binary BH (that can merge within
an appropriate interval of time) with or without the
common envelope phase as the result of the isolated
binary evolution.
5 ROTATION OF COMPONENTS OF
CLOSE BINARY BLACK HOLES
We assume solid body rotation of pre-supernova
synchronized with the orbital rotation at the
moment of carbon-oxygen core formation fol-
lowing van den Heuvel & Yoon (2007), see also
Tutukov & Cherepashchuk (2003). For collapsing cores
of WR stars we calculate the value of “effective Kerr
parameter”
Keff =
IΩ
GM2c /c
; (8)
where I = kIMcR
2
c , Mc is the mass of CO core, Rc
is its radius, c is the speed of light, kI = 0.4 for a
homogeneous ball, kI = 0.1 for a polytrope sphere with
the polytropic index n = 2.5.
The radius of the core after the end of helium burning
can be found from the virial theorem:
Rc =
GµmpMc
6kT
; (9)
where Rc and Mc are the core radius and mass, T is
the temperature of carbon burning (T ≈ 6 · 108 K,
Masevich & Tutukov, 1988), G is the gravitational con-
stant, µ is the average number of nucleons for a particle
(we take µ = 15), mp is the proton mass, k is the Boltz-
mann constant.
After the formation the CO core evolves without sig-
nificant angular momentum loss. This idea was used
to explain long gamma ray bursts as supernova ex-
plosions in close binary systems with the orbital pe-
riod less than about 1 day (Bogomazov et al., 2007;
Lipunov & Gorbovskoy, 2007; Bogomazov & Popov,
2009; Lipunova et al., 2009).
In this work we consider two cases of rotation of col-
lapsing cores of progenitor of BH+BH mergers. The
first one: all young CO cores are tidally locked inde-
pendently on the orbital period. The second case: the
core is tidally locked if the orbital period of the binary
is ≤ 1 day before the explosion of this core, otherwise
we take a geometrical average axial period (described
above in Section 2) for the remnant of the exploding
star. As an example of a geometrical average rotation
let us consider a blue supergiant ǫ Ori (Alnilam). Its
mass is ≈ 40M⊙, its radius is ≈ 32R⊙, rotational ve-
locity v · sin i = 40 ÷ 70 km s−1 (Searle et al., 2008;
Puebla et al., 2016), from these quantities the derived
period of axial rotation is about 23 days or higher.
Equation 3 gives MCO = 8.74M⊙, Equation 9 gives
Rc = 3.87R⊙. For the axial period equal to 2 days
for the main sequence progenitor of Alnilam (it is very
common value for O-A stars, Nielsen et al., 2013) we
estimate Pmin = 0.0004 seconds (formally this rotation
rate is faster than the rotation of a BH with Kerr pa-
rameter equal to 1), Pmax = 23 days, their geometrical
average is ≈ 8.3 seconds. For this period one can obtain
Keff = 0.01 that we use in our calculations for stars
in binaries with the orbital period longer than 1 day
before the supernova explosion.
The described dependence of the angular momentum
of the collapsing core is steep: core’s rotation in clos-
est pairs is very fast and these cores are able to leave
a remnant with high spin, whereas in other binaries
remnant’s spin is low. In general, careful calculations
of angular momentum evolution probably can be made
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(Postnov & Kuranov, 2017; Qin et al., 2018). But, if
one take into account that the synchronization time de-
pends on the star’s radius R and the major semi-axis a
as (R/a)6 (Zahn, 1977; Hut, 1981), it can be concluded
that for massive progenitors of BHs (their lifetime is
very short) the synchronization of axial rotation with
orbital rotation exists in closest binaries (and allows
the formation of long gamma ray bursts during super-
nova explosions in them) and practically does not exist
for wider pairs. All intermediate cases (partial synchro-
nization) are able to exist, but the probability of their
existence is very low due to the sixth power dependence
of the timescale on the separation of the components.
We assume that the angular momentum vector of the
axial rotation of collapsing cores and their remnants
(BHs) aligns with the angular momentum vector of the
orbital rotation. So, we compute the effective inspiral
spin parameter (e.g. Equation 6 by Abbott et al., 2016a)
χeff using the expression
χeff =
MBH1Keff1 +MBH2Keff2
MBH1 +MBH2
, (10)
where MBH1 and MBH2 are the masses of two merging
BHs taken from population synthesis modeling using
the “Scenario Machine”, Keff1 and Keff2 (see Equa-
tion 8) are effective spins of collapsing cores that left
merging BHs as remnants. To calculate χeff using
Equation 10 we assume Keff = 1 if Keff estimated
using Equation 8 is > 1, because the value of χeff be-
longs to merging BHs which spins cannot be higher than
one.
6 THE SCENARIO MACHINE
The “Scenario Machine” is a tool for population syn-
thesis of the evolution of close binaries. It was in-
troduced by Kornilov & Lipunov (1983), developed by
Lipunov et al. (1996), its latest detailed description can
be found in a paper by Lipunov et al. (2009). In this
paper we briefly describe only basic initial distributions
and several parameters of binary evolution that are free
in this investigation.
The following distribution of the initial semi-major
axis a is used:
{
dN
d(log a) = 0.2,
max (10R⊙, RL [M1]) ≤ a ≤ 10
6R⊙.
(11)
where RL [M1] is the size of the Roche lobe of the pri-
mary (initially more massive) star.
The initial mass M1 of the primary is distributed us-
ing the Salpeter function:{
f (M1) =M
−2.35
1 ,
Mmin ≤M1 ≤Mmax.
(12)
where Mmin and Mmax are the minimum and the max-
imum values of M1 on the zero age main sequence.
The “Scenario Machine” contains three evolutionary
scenarios: A, B and C. They differ in the rate of mass
loss via the stellar wind of non-degenerate stars and in
masses of cores of such stars.
In the present study we use four free parameters of
stellar evolution: the rate of wind mass loss from stars,
the fraction of the mass of the pre-supernova star that
falls under the event horizon during the formation of a
BH, the efficiency of the common envelope stage.
The stellar mass loss rate M˙ is very important for
two reasons: it significantly affects the semi-major axis
of the binary and it directly affects the mass of the
star itself. In the scenario A the mass loss by main-
sequence stars is described here using the formula, see
e. g. (Massevitch et al., 1979):
M˙ =
αL
cV∞
(13)
where L is the star’s luminosity, V∞ is the stellar wind
velocity at infinity, c is the speed of light, and α is a
free parameter. In scenario A, the decrease in the star’s
mass ∆M does not exceed 10% of its hydrogen enve-
lope during one evolutionary stage. We parametrized
the mass loss by WR stars as
∆MW R = αW RMW R, (14)
here MW R is the initial stellar mass in the WR stage.
The mass of a BH MBH formed by an exploding pre-
supernova of mass MpreSN , was calculated as
MBH = kbhMpreSN , (15)
where the coefficient kbh is the fraction of the presuper-
nova mass that forms the BH.
During the common envelope stage binary stars very
efficiently lose their angular momentum with the lost
envelope matter, and the components approach one an-
other along a spiral trajectory. The efficiency of mass
loss in the common envelope stage is described by the
parameter αCE = ∆Eb/∆Eorb, where ∆Eb = Egrav −
Ethermal is the binding energy of the ejected envelope
and ∆Eorb is the decrease of the orbital energy during
the approach:
αCE
(
GMaMc
2af
−
GMaMd
2ai
)
=
GMd(Md −Mc)
Rd
,
(16)
here Mc is the core mass of the mass losing star with
initial mass Md and radius Rd (this is a function of the
initial semi-major axis ai and initial component mass
ratioMa/Md, whereMa is the mass of the accretor), af
is the final semi-major axis in the end of the common
envelope stage.
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The common envelope forms if the Roche lobe over-
flow occurs2 in a type C system (where the star that fills
its Roche lobe has a strongly evolved core), the whole
mass ratio range, even for q ∼ 1. For type B systems,
we use the condition q ≤ qcr = 0.3 for the formation
of the common envelope, otherwise the systems evolves
without the common envelope. van den Heuvel et al.
(2017)3 studied very similar conditions as for type B sys-
tems for the common envelope formation for the study
of WR+O stars.
Evolutionary scenario B: several series of evolution-
ary tracks were calculated at the end of the 1980s
and the beginning of the 1990s, using new opacities
(Rogers & Iglesias, 1991; Kurucz, 1991), nuclear reac-
tion cross sections (Landre et al., 1990), and parame-
ters for convection in stars (Stothers & Chin, 1991). For
stars with masses M < 10M⊙, these tracks nearly coin-
cide with those calculated in scenario A. More massive
stars should have stronger stellar winds. A massive star
loses up to 90% of its mass due to stellar wind on the
MS, supergiant and WR stages. Therefore the mass of
a pre-supernova could be 8−10M⊙ practically indepen-
dently on the initial mass of the star.
Scenario C was based on the paper by
Vanbeveren et al. (1998). The mass loss rate in
the stellar wind was corrected to take into account
empirical data for OB and WR stars. The mass loss for
stars with mass higher than 15M⊙ is parametrized by
∆M = pm(M −Mcore), (17)
where 0 < pm ≤ 1 is a dimensionless parameter.
Originally scenario C uses this equation without a pa-
rameter pm (i.e, ∆M = (M − Mcore)), but for this
work we introduced it to decrease the mass loss rate
via the stellar wind, because without such correction
it failed to explain the origin of most massive BH
mergers (Bogomazov et al., 2018) and the existence of
such X-ray binaries as IC 10 X-1 and NGC 300 X-1
(Abubekerov et al., 2009; Bogomazov, 2014).
Evolutionary scenarios B and C have several specific
properties compared to the classical scenario. One of
them is the stronger stellar winds of massive stars lead
to a rapid and substantial increase of the orbital separa-
tion, so these stars cannot fill their Roche lobes. There
exist several observational facts that argue against sce-
narios with strong stellar winds (they can be found in
Lipunov et al., 2009; Bogomazov et al., 2018), but we
make calculations also for scenarios B and C to show
that in a wide range of evolutionary parameters the
isolated binary evolution can describe all detected grav-
itational wave bursts.
2According to Kippenhahn andWeigert classification andWeb-
bink diagram. See the description of the code by Lipunov et al.
(2009) for more details, subsection 4.4 “RL Filling”.
3See also (Pavlovskii et al., 2017).
Figure 2. Cumulative distributions of of cores of future BH merg-
ers on the χeff parameter as a part of all mergers with χeff equal
or less than a definite value. The upper panel presents the assump-
tion that the rotation of CO cores is tidally locked when such
cores form (and cores conserve their angular momentum later) in
all binaries that give BH+BH mergers in the end of their evo-
lution. For the lower panel we assume that the axial rotation of
the collapsing core is a geometrical average between the longest
and shortest possible values if the orbital period Porb > 1 day
before its explosions, if Porb ≤ 1 day before the core’s explosion
we assume that core is tidally locked as for the upper panel. For
these curves we use following scenario parameters: evolutionary
scenario A, αCE = 0.5, α = αW R = 0.1, kBH = 0.8. Both masses
of merging BH are greater than 25 solar masses. Observed GW
events with such masses (see Table 1) are shown with their error
bars.
We assumed zero natal kick during the BH formation:
observed BH+BH mergers favour low values of the BH
natal kick (Wysocki et al., 2018).
7 CALCULATIONS AND RESULTS
The ranges of possible values of scenario parameters are
very wide, so in general all quantities used in population
synthesis can be validated using the observational quan-
tities of specific binaries, see e.g. such investigation for
the “Scenario Machine” by Lipunov et al. (1996). Since
the primary aim of this work is to show that binary evo-
lution models are plausible to explain detected gravita-
tional wave events we show here results of calculations
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Figure 3. The same as Figure 2 for following scenario parameters:
evolutionary scenario C, kBH = 1, pm = 0.1, αCE = 0.5.
for several models that were computed using following
very different sets of free scenario parameters:
1. Models 1 and 1a. Scenario A, αCE = 0.5, α =
αW R = 0.1, kBH = 0.8, MBH1,2 > 25M⊙ (Figure
2).
2. Models 2 and 2a. Scenario C, kBH = 1, pm = 0.1,
αCE = 0.5, MBH1,2 > 25M⊙ (Figure 3).
3. Models 3 and 3a. Scenario A, αCE = 0.5, α =
αW R = 0.1, kBH = 0.8, whole mass range of merg-
ing BHs (Figure 4).
4. Models 4 and 4a. Scenario B, kBH = 0.8, αCE =
0.5, whole mass range of merging BHs (Figure 5).
5. Models 5 and 5a. Scenario C, kBH = 1, pm = 0.1,
αCE = 0.5, whole mass range of merging BHs (Fig-
ure 6).
6. Models 6 and 6a. Scenario A, αCE = 0.5, α =
αW R = 0.1, kBH = 0.5, whole mass range of merg-
ing BHs (Figure 7).
7. Models 7 and 7a. Scenario A, αCE = 0.5, α =
αW R = 0.3, kBH = 0.5, whole mass range of merg-
ing BHs (Figure 8).
8. Models 8 and 8a. Scenario A, αCE = 1, α = αW R =
0.3, kBH = 0.5, whole mass range of merging BHs
(Figure 9).
In this list in all models with mark “a” we assume
Figure 4. The same as Figure 2 for whole mass range of merging
BHs.
that Keff1,2 = 0.01 if the orbital period of the binary
Porb > 1 day before the explosion of the appropriate
star, and if Porb ≤ 1 we accept that CO core in the
beginning of its evolution is tidally locked and then it
evolves without angular momentum loss (we calculate
Keff using Equation 8), in all model without mark “a”
we assume only the last option (young CO cores are
tidally locked with subsequent evolution without angu-
lar momentum loss) as an upper limit of core’s rota-
tion rate. For each model we calculated 106 evolution-
ary tracks of individual binaries starting from the mass
25M⊙ in Equation 12 to avoid calculations of systems
that do not produce BHs, then calculated values were
renormalized for a galaxy with star formation rate as in
our galaxy.
The results of our calculations are shown in Figures
2–9 and in Table 2. In each figure the continuous line
depicts a calculated cumulative distribution of BH merg-
ers on χeff (see Equation 10) for a certain set of parame-
ters. Detected mergers with appropriate mass are shown
with their uncertainties in χeff (their vertical positions
are chosen for graphical purposes only). As we can see
from the figures all models with “a” mark describe ob-
servational points within their error bars, and models
without “a” mark also seem to make it satisfactory.
In Table 2 we collected BH merge frequencies in all
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Figure 5. The same as Figure 2 for following scenario parameters:
evolutionary scenario B, kBH = 0.8, αCE = 0.5, whole mass
range of merging BHs. In this Figure we show only two GW events
with lowest masses, because in scenario B a BH with mass higher
than about 10M⊙ cannot be produced.
mentioned models, also we divided mergers into three
groups in each model: “high spin+high spin” (effec-
tive Kerr parameter of the core Keff1,2 ≥ 1), “high
spin+low spin” (Keff equals or higher that 1 for one
core and is less than 1 for another core), “low spin+low
spin” (Keff1,2 < 1). From this table we can see that all
models produce “low spin+low spin” BHs that can be
within the range of detected parameters of BH mergers.
Examples of evolutionary tracks that lead to the forma-
tion of BHs with different spins are shown in Section
11.
8 DISCUSSION
The stellar wind is a substantial factor of the evolution
of massive stars. Observations revealed that its intensity
for OB stars can be described by the relation (Vink,
2018):
M˙ ≃ 10−9(MOB/M⊙)
2(Z/Z⊙)
3/4 M⊙yr
−1; (18)
It indicates that stars with masses higher than
≈ 80(Z⊙/Z)
0.6 can lose their hydrogen envelopes
Figure 6. The same as Figure 3 for whole mass range of merging
BHs.
during their main-sequence lifetime and probably
can become Wolf-Rayet stars avoiding supergiant
stage (Tutukov & Yungelson, 1973). This factor can
also be important for massive binary systems, be-
cause the abundance of metals should be adequately
low to form a common envelope that can shrink
the separation of the stars in the binary. Assum-
ing MBH ≃ 0.05(MOB/M⊙)
1.4 (Masevich & Tutukov,
1988; Nakauchi & Saio, 2018) one can find that the
abundance of metals should meet following criterion to
allow expanding of components of the binary and to
allow the common envelope formation:
Z . (25M⊙/MBH)
1.2Z⊙; (19)
If this condition is met very close massive binary BHs
can form and they can merge under the influence of grav-
itational wave radiation during Hubble time. Therefore
predecessor of the most massive merging BHs should
have low metal abundance (Tutukov & Cherepashchuk,
2017).
Low metal abundance (that is common for first stars
in the Universe) leads to an important consequence for
estimations of merge frequency of BHs. The decrease
of the metal abundance to [Fe/H]. −0.1 leads to the
growth of power of the initial mass function from ≈
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Figure 7. The same as Figure 2 for following scenario parameters:
evolutionary scenario A, αCE = 0.5, α = αW R = 0.1, kBH = 0.5,
whole mass range of merging BHs.
−2.5 for star with solar metallicity to ≈ −2 (Sarzi et al.,
2018). Evidently the quantity of stars that form high
mass BHs & 30M⊙ grows by 5-10 times, and the part
of the most massive BHs among all merging BHs also
grows.
So, the decrease of metal abundance in early Universe
is able to make the mass specturm of merging BHs wider
due to saving the possibility to form a common envelope,
and also it increases the quantity of massive stars due
to the change of the initial mass function. This probably
is an explanation of high masses of > 80% of detected
merging BHs in comparison with their part in X-ray
binaries (≈ 13%, Mapelli, 2018).
It is essential to note that observational data
about the distribution of eccentricities of orbits
of WR+OB binaries with solar metallicity in our
galaxy Cherepashchuk (2018), and axial rotation ve-
locities of O stars in such systems Shara et al. (2017);
Vanbeveren et al. (2018) indicate that the mass ex-
change in most of known WR+OB binary stars during
WR stars formation is the primary cause of the enve-
lope loss, whereas radial stellar wind is only the sec-
ondary cause. This fact can be related to wind clamp-
ing and observational overestimates of mass loss rate via
the stellar wind (Cherepashchuk, 1990). Wind clumps
Figure 8. The same as Figure 2 for following scenario parameters:
evolutionary scenario A, αCE = 0.5, α = αW R = 0.3, kBH = 0.5,
whole mass range of merging BHs.
were observed by e.g. Markova et al. (2004, 2005);
Puls et al. (2006); Markova & Puls (2008); Fürst et al.
(2010); Ducci et al. (2009); Oskinova et al. (2012).
So, even for massive stars with near solar metallicity
the classical scenario of isolated binary evolution with
mass exchange can be considered as very probable mech-
anism of the formation of close pairs BH+BH, BH+NS,
NS+NS that subsequently merge and form gravitational
wave events. That is why we can treat evolutionary sce-
nario A as the primary evolutionary scenario that de-
scribes the evolution of close binary stars adequately.
The main cause of the absence of very massive BH can-
didates in X-ray binaries in observations and in theoret-
ical predictions (e.g. made by Fryer & Kalogera, 2001;
Bogomazov et al., 2005b) is the very short evolutionary
time scale of the most massive stars. The common en-
velope formation condition described in Section 6 plays
very important role. It allows to get systems that goes
through the common envelope before the first super-
nova explosion in the system, or before the second ex-
plosion, or even to get a system that does not go through
the common envelope at all, so the axial rotation rate
of the pre-supenova star can vary from low to high
rate depending on the evolutionary way of the system
(Bogomazov et al., 2018).
10 Bogomazov et al.
Figure 9. The same as Figure 2 for following scenario parameters:
evolutionary scenario A, αCE = 1, α = αW R = 0.3, kBH = 0.5,
whole mass range of merging BHs.
Our calculations show (Figures 2-9 and Table 2) that
a part of collapsing core in massive close binaries possess
supercritical angular momentum. Such collapsing cores
are expected to be sources of long gamma ray burst,
but at the same time the collapse itself can consist of
two stages. During the first stage a binary BH forms,
the separation of its components can be several radii of
BHs. Due to the emission of gravitational waves by such
massive and tight BHs the binary BH should merge in
time less than 1 second. So, two tasks arise. The first is
to clarify the condition of the origin of supercritical rota-
tion of collapsing cores that form BHs. The second is to
calculate sample signals of gravitational waves from the
two stage collapse in order to unambiguously identify
them experimentally.
9 CONCLUSIONS
A population synthesis using wide range of evolutionary
parameters was conducted. Our calculations allow to
make following conclusions:
• Isolated evolution of binary stars adequately de-
scribes detected gravitational wave events.
• Different values of spins of BH components in BH
Table 2 Individual BH spin distribution in BH mergers.
Here “Model” is a set of evolutionary parameters (see text
for details), “L+L” is the part of merging BHs with low spins
of both merging BHs (Keff of both stars is < 1), “L+H” is
the part of low spin with high spin BHs (Keff is < 1 for one
star and is ≥ 1 for another), and “H+H” is the part of two
high spin BHs among all merging BHs (Keff of both stars
is ≥ 1), “M. Fr.” is the frequency of mergers in a galaxy like
Milky Way.
Model H+H, % L+H, % L+L, % M. Fr., yr−1
1 33 54 13 9.6 · 10−6
1a 31 10 59 9.6 · 10−6
2 0 0 100 8.4 · 10−5
2a 0 0 100 8.4 · 10−5
3 5 50 45 1 · 10−4
3a 5 37 58 1 · 10−4
4 1 52 47 1.4 · 10−4
4a 1 52 47 1.4 · 10−4
5 0 20 80 1.2 · 10−4
5a 0 20 80 1.2 · 10−4
6 5 76 19 1.1 · 10−4
6a 5 69 26 1.1 · 10−4
7 5 77 18 9 · 10−5
7a 4 70 26 9 · 10−5
8 13 82 5 8.5 · 10−5
8a 8 82 10 8.5 · 10−5
mergers (low spin + low spin, low spin + high spin,
high spin + high spin) are able to exist. Individual
BHs in future BH mergers should rather have low
value of spin (close to zero) or high value of spin
(close to one) because of sixth power dependence of
the syncronization time on the separation of their
non-degenerate predecessors and a short evolution
time scale for massive stars. Intermediate values are
able to exist, but their birth probability is small.
• ≥ 50% BH mergers originated through isolated bi-
nary evolution should possess spins of both BHs
close to zero (low spin + low spin).
• Up to ≈10% of BH mergers are able consist of two
black holes with spins close to one (high spin +
high spin), predecessors of such binaries could be
sources of two gamma ray bursts.
• The BH with the spin close to one could be formed
as the result of the merger of two black holes formed
via the collapse of a fast rotating star accompa-
nied with a long gamma ray burst and/or a gravi-
tational wave burst with smaller power in compari-
son with the merger of two BH remnants of binary
components. Probably this idea can be tested in
the near future (Nathanail & De Laurentis, 2018;
Atteia et al., 2018).
Our conclusions are very similar to conclusions by
Qin et al. (2018), but we have different arguments in
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favour of the idea that at least 50% of merging black
holes should possess low spin values of both BHs. Also
we predict that significant fraction of merging black
holes should have at least one BH or even two BHs with
spin close to 1 since they can be remnants of gamma ray
bursts. This claim can be very important if individual
spins of BH mergers can be found more or less reliably,
because chieff is a smoothed function of Keff1,2. The
physic of collapse is not in the scope of this paper, never-
theless, it is very important for understanding described
possibilities for BH spin values.
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11 APPENDIX. EXAMPLES OF
EVOLUTIONARY TRACKS
In Tables 3-10 we present examples of evolutionary
tracks that lead to a formation of black holes with differ-
ent spin values (“high spin+high spin”, “high spin+low
spin”, “low spin+low spin”) calculated using different
sets of scenario parameters.
Notations in tables are following: “I” is the main-
sequence star, “II” is the supergiant star, “3” is the star
filling its Roche lobe, “3E” is the star filling its Roche
lobe in evolutionary time scale, “3S” is the star filling
its Roche lobe with supercritical accretion onto the com-
pact companion, “WR” is the Wolf-Rayet star, “CE” is
the common envelope, “BH” is the black hole, “SBH” is
the black hole with supercritical accretion rate. Param-
eters of stars and parameters of binaries listed in tables
are following: “Stage” is the evolutionary status of the
system, “M1” is the mass of the primary (initially more
massive) star inM⊙, “M2” is the mass of the secondary
star in M⊙, “a” is the semi-major axis of the binary’s
orbit in R⊙, “e” is its eccentricity, T is the time elapsed
after the beginning of the evolution in 106 years.
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